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Progenitor evolution for ECSNe
(ONe core-collapse SNe)

1. Formation of degenerate ONe core through C-burning

2. Growth of core towards MCh

3. Electron capture by 24Mg

3. Central density reaches 𝜚crit : 𝜇e = Q(20Ne→20F)

4. Double e--captures instigate collapse and heat the material to 
O-ignition

5. O-deflagration leaves NSE ash, which also captures electrons

Miyaji+ (1980); Nomoto (1984, 1987); Miyaji & Nomoto (1987); Ritossa+ (1999); 
Poelarends+ (2008); Jones+ (2013); Takahashi+ (2013)



Progenitor evolution for ECSNe
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Why 8-12 M☉?
Supernova Remnant Progenitor Masses in M31 19

Figure 14. Left Panel: Histogram of median progenitor masses below 52 M!. Right Panel: Cumulative fraction of progenitor mass
distribution. We overplot a reference Salpeter IMF. Using a KS-test, we find the cumulative mass distribution consistent with a power-law
IMF of the form dN/dM ∝ Mα with −2.7 ≥ α ≥ −4.4. We plot these two slopes, as well as a Salpeter IMF (dN/dM ∝ M−2.35). While
the distribution of masses greater than 60 M! is not shown, the fraction greater than 60 M! is given by the value for the cumulative
fraction at 60 M!.

Jennings+ (2012)

• α=-2.35 ⇒ N(8-12 M☉)/N(M>8 M☉) = 0.42

Smartt+ (2009)

Knigge+ (2011)

See Scott Adam’s poster



Why 8-12 M☉?

ApJ 493:L101–L104, 1998

A&A 450, 345–350 (2006)

Wanajo+ (2011)



Why 8-12 M☉?

Cescutti & Chiappini (2014)

Hansen+ (2012)
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Initial mass range for ECSNe

Doherty+ (2015)

model of dredge-out in a 7 Mo Z=0.001 star

Poelarends+ (2008)

Jones+, in prep.

H-burning during dredge-out 
likely dynamically important

•Contribution from “failed massive stars”?



Other complications in super-AGB stars





 


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


 

t1 : switching off of pulse-driven convection zone (PDCZ)
t2 : beginning of convective envelope base penetration (CEBP)

Jones+, in prep.

see also Mowlavi (1999)

Herwig+ (2014)

see also Justin Brown’s poster



ONe core collapse in X-ray binaries

4 Tauris, Langer & Podsiadlowski

Figure 1. Central temperature versus central density for four selected helium star–NS models which terminate their evolution as an Fe CCSN, EC SN,
ONeMg WD and CO WD, respectively, cf. Sections 3.1–3.4. Carbon burning (marked by C) is seen in the first three cases, and oxygen burning (marked by
O) occurs in the most massive star. Epochs of RLO onset (solid circles) and RLO termination (open squares) are shown along each track. (Note, in some cases
the first episode of mass transfer occurs for log ρc < 4.8.)

Figure 2. Sequences of final core mass,Mcore,f as a function of initial helium star mass,MHe,i for four different values of the initial orbital period. Also
shown (dashed line) are the estimated final core masses for single helium stars.Mcore,f is defined as the metal core (i.e. where the mass fraction of helium is
less than 10 per cent). The coloured regions indicate the final destiny of the helium stars: light blue (with open triangle symbols)→ ONeMg WDs; pink (open
stars)→ EC SNe; and purple (solid stars)→ Fe CCSNe. In all cases the accreting companion star is (initially) a 1.35 M! NS.

c© 0000 RAS, MNRAS 000, 000–000

Ultra-stripped SNe: progenitors and fate 9

Figure 9. Total amount of helium prior to explosion for the models from
Fig. 2 leading to EC SNe (open stars) and Fe CCSNe (solid stars). The
solid lines connect systems with equal values of Porb,i. According to
Hachinger et al. (2012), ejection of at least 0.06 M! of helium is needed
to detect a SN as Type Ib (yellow and green region). Below this limit the
SN is likely to be classified as a Type Ic (light blue region). However, this
also depends on the amount of nickel synthesized – see text.

explosive helium burning during the SN explosion may also play a
role in reducing the amount of helium (Woosley & Weaver 1995).

In Fig. 9, we show the amount of helium, Menv
He,f in the en-

velopes of most of our pre-SN models withMHe,i ! 3.5 M!. We
find that, in general, EC SNe in binaries (particularly close bina-
ries) are most likely to be observed as ultra-stripped Type Ic SNe,
whereas our resulting Fe CCSNe can be observed as both ultra-
stripped (faint) Type Ic and Type Ib SNe, as well as more regu-
lar Type Ib SNe (the latter still with relatively small helium ejecta
masses, typically less than 0.5 M!).

In comparison to the remaining amount of helium,Menv
He,f , we

find from our binary models that the total envelope massMenv,f =
M!f − Mcore,f (i.e. all material outside the CO core) is larger by
0.03 M! on average. This additional material is mainly composed
of carbon which was mixed into the envelope.

4.1.1 Definition of ultra-stripped SNe

In Fig. 10, we show the total amount of envelope mass,Menv,f for
most of our pre-SN models as a function of the final core mass
of the exploding star, Mcore,f . The dotted line above Menv,f ≈
0.2 M! shows the minimum envelope mass expected for the stars
which explode first in close massive binaries (Yoon et al. 2010).
These stars lose mass to a main-sequence (or slightly evolved) com-
panion star via stable RLO prior to the SN.

In the following we assume that the envelope mass surround-
ing the pre-SN metal core can be taken as a rough estimate of the
amount of material ejected during the SN explosion. (The deter-
mination of the exact location of the mass cut requires detailed
computations of the explosion event.) We therefore suggest to de-
fine ultra-stripped SNe as exploding stars whose progenitors are
stripped more than what is possible with a non-degenerate compan-
ion. In other words, ultra-stripped SNe are exploding stars which
contain envelope masses " 0.2 M! and having a compact star
companion. The compact nature of their companion allows for ex-
treme stripping in a tight binary, in some cases yielding an envelope
mass ! 0.008 M!.

Figure 10. Total envelope mass versus final core mass prior to the explosion
for the models shown in Figs. 2 and 9. EC SNe (limited to the grey-shaded
area) and Fe CCSNe are plotted with open and solid stars, respectively.
The dotted line shows the remaining envelope mass in pre-SN stars which
explode first in massive binaries (i.e. after RLO to a main-sequence star
companion) according to the calculations by Yoon et al. (2010). Hence, we
use this division to define ultra-stripped SNe as exploding stars in compact
binaries which haveMenv,f " 0.2 M! – see text.

In addition to forming low-mass (1.1−1.4 M!) NSs from (al-
most) naked metal cores slightly above the Chandrasekhar mass1,
we also expect ultra-stripped SNe to produce more massive NSs.
From Table 1, it is seen that ultra-stripped SNe occur in metal cores
as massive as 2.15 M! (cf. the model withMHe,i = 6.0 M! and
Porb,i = 0.1 days, and which leads to a post-Case BB RLO stellar
mass ofM!,f = 2.37 M! and a helium and carbon-rich envelope
of only Menv,f = 0.22 M!). Therefore, it seems plausible that
ultra-stripped SNe may produce NSs with a wide range of masses
between 1.10 − 1.80 M!, see Section 6.2 for further discussion.

We emphasize that ultra-stripped SNe only constitute a small
fraction of all SNe Ic (" 1 per cent, Paper I), and also note that
the ejected envelopes of exploding massive Wolf-Rayet stars may
contain considerable amounts of carbon and oxygen. Whereas the
pre-SN orbital periods of ultra-stripped SNe are typically between
1 hr and 2 days, the models of Yoon et al. (2010) resulted in pre-
SN orbital periods, at the moment of the first explosion in close
massive binaries experiencing stable RLO, of at least ∼10 days.

As also seen from Figs. 9 and 10, besides core mass, the final
amount of helium and the total envelope mass is also correlated
with the initial orbital period of the binary prior to Case BB RLO.
Therefore, we also find thatMenv

He,f andMenv,f are correlated with
the final orbital period, Porb,f just prior to the SN, cf. Table 1.

4.2 Expected light curve properties

The relatively recent advent of all-sky, high-cadence transient sur-
veys has led to the discovery of many rapidly evolving, luminous
transients (see Drout et al. 2014, for details). Drout et al. (2014)
have estimated the rate of rapid transients (whose luminosity de-
creases by at least 50 per cent in 12 days) to be 4–8 per cent of the
core-collapse rate (at a redshift z = 0.2). Observationally, these
newly discovered luminous transients form a heterogeneous group
of objects, possibly suggesting a variety of explosion mechanisms.

1 Timmes et al. (1996); Woosley et al. (2002).

c© 0000 RAS, MNRAS 000, 000–000

Tauris, Langer & Podsiadlowski (2015)

Helium stars formed in HMXB systems do not suffer from the 
same issues as single-star progenitors

However, these supernovae will be of type Ib/c
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Nuclear reactions in ONe CC progenitors
Schwab+ (2015, arXiv)

Möller, Jones+ (2014)

Impact of Nuclear Reactions on the Fate of Intermediate-mass Stars Heiko Möller
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Figure 2: Panel a) shows
�
↵, {�,n,p}�-rates for 20O and 20Ne taken from the JINA REACLIB database [11].

Panel b) and c) show the flux of reactions displayed in panel a) for conditions taken from profiles of two
di↵erent stellar evolution models by Jones et al. prior to the neon burning phase. Panel b) corresponds to the
8.75 M� and panel c) to the 8.8 M� model.

109 g cm�3. These transitions can result in a rate that is by several orders of magnitudes larger than
the previously used rate in stellar evolution calculations [10] (see also A. Idini contribution to these
proceedings). In the stellar evolution models of Jones et al., these conditions are present prior to
the onset of the neon burning phase. Hence, we would like to point out that the inclusion of the
updated EC rates can have a significant impact onto the final evolution of the star.

Due to the EC reactions mentioned above, the core consists mainly of 16O and 20Ne, 24Ne and
some fraction of 20O (up to 4%). The situation is di↵erent to massive stars where no EC phase
occurs before neon burning. In this case, neon burning proceeds via the following reactions:

20Ne(�,↵) 16O and 20Ne(↵,�) 24Mg. (2.5)

Due to the presence of 20O however, additional reaction channels need to be taken into account:

20O
�
↵, {�,n,p}� {24Ne, 23Ne, 23F}. (2.6)

In panel a) of Figure 2, we compare the rates of di↵erent reaction channels for the ↵-capture
on 20Ne and 20O, respectively. As can be seen, the reaction 20O(↵,n) 23Ne is by far dominating
between 0.1 and 10 GK. Hence, we argue that the ↵-capture on 20O can be a competitive process
and should be considered in future calculations. This can be seen even better in panel b) and c)
where we look at the reaction fluxes for conditions of profiles of two di↵erent stellar evolution
models from Jones et al. prior to the neon burning phase. For a given binary rates, the flux is given
by: fAB!X = ⇢NA h�viAB!X YAYB, with the density ⇢, the abundances in the incoming channels YA

and YB and the reaction rate NA h�viAB!X. It is obvious that for the 8.75 M� model where there is
up to 4% of 20O, the reaction 20O(↵,n) 23Ne is dominant. In the case of the 8.8 M� model where
there is only up to 0.1% of 20O, it is at least comparable to the 20Ne(↵,�) 24Mg reaction in the very
center of the star.

Once the star reaches temperatures in excess of 1.7 GK, the fusion of oxygen will become

4

Oda+ (1994)                                           Toki, Jones+ (2013)



3D pure deflagration models for SNe Ia 1767

Figure 3. As Fig. 2, but showing models N150def (left-hand column) and N1600def (right-hand column). The times after explosion initiation are from top to
bottom: t = 0.25, 0.75, 1.5 and 100 s.

models except N300Cdef). Fig. 5(a) shows that at high densities
models with very high Nk burn more than N150def, but at low den-
sities they burn significantly less. Despite these differences, as in
Röpke et al. (2006b), all vigorously ignited models fall into a nar-

row range of Etot around 6 × 1050 erg at the end of the deflagration
phase.

In models with compact ignition configuration (dotted and dashed
lines in Fig. 4), the same number of ignition kernels is located within
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Fig. 11.— Profiles of temperature, density and electron mole fraction during the O+Ne

deflagration phase are shown as a function of both mass and radius coordinates. These
profiles are taken at 1.13 × 10−2, 5.40 × 10−2, 9.92 × 10−2, 1.49 × 10−1, 2.00 × 10−1, and
2.34× 10−1 sec after the ignition at the center of the core.
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Fig. 12.— The critical core masses for ECSNe calculated with different settings. Different
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of the Coulomb correction.

Takahashi+ (2013)

Carbon deflagration, Fink+ 2014

Central, one-point ignition?

Interaction with URCA shells?



Off-centre ignition in 8-10 M☉ stars
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Oxygen CBFs

Woosley & Heger (2015, arXiv)

(convectively bound flames)

Jones+ (2013)

Woosley & Heger (2015, arXiv)



Off-centre silicon burning

Woosley & Heger (2015, arXiv)

Explosive silicon burning in 9.8 -10.3 M models: 
outcome?

Silicon flashes induce dynamical behaviour, propagating 
through the envelope - two supernova-like displays?

Maria Drout’s Talk



Summary and open questions

The frequency (or even the occurrence) of EC-SNe from single stars unfortunately remains, for now, very 
uncertain. Mass loss, CBM and hydrogen ingestion events all play a role.

EC-SNe from HMXBs do not suffer the same uncertainties, however would not produce SN IIP.

Lowest-mass CCSN progenitors display similar progenitor density profiles. They themselves pose interesting 
questions to be addressed in the coming years with multi-dimensional hydrodynamic codes.

What are the yields form 8-10 M☉ stars?

How much will the progenitor, explosion and nucleosynthesis properties change when all relevant nuclear 
physics is included?

How much does the ECSN picture change when multi-dimensional simulations of the O-deflagration emerge?


